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Abstract

We re-examine a neutrino-driven r-process mechanism in the helium shell of a

core-collapse supernova. We analyze the pre-shock evolution in detail using recent

stellar models. In addition we perform full hydrodynamic simulations including

the effect of shock, finding that the outer helium shells can be the site for an

r-process. We find that this mechanism could succeed in early stars of metallicity

. 10−3 the solar value, at relatively low temperatures and neutron densities,

producing A ∼ 130 and 195 abundance peaks over ∼ 50–60 s. The mechanism is

extremely sensitive to the neutrino emission model and to neutrino oscillations.

While this mechanism is not very sensitive to the explosion energy, mixing of the

ejecta can be different for different explosion energies. We discuss the implications

of an r-process that could alter interpretations of abundance data from metal-poor

stars.
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Chapter 1

Introduction

Nucleosynthesis is the process of producing nuclei spanning the entire range of

the elements and their isotopes in the periodic table, starting from hydrogen to

heavy elements like uranium. The primary goal of studying nucleosynthesis is

to explain the origin of elements and their isotopes as observed today in the

Universe. Specifically, the aim is to explain the abundance patterns of nuclei as

seen in our Galaxy and especially in the solar system. Figure. 1.1 depicts the solar

abundance and the astrophysical events that contribute to the nuclei at different

mass numbers. It is now established that, after the Big Bang, the universe was

mostly composed of hydrogen and helium along with a tiny amount of lithium,

boron and beryllium. All the elements heavier than helium are referred to as

metals, and are primarily made in stars. These metals are synthesized, both during

the hydrostatic evolution, as well as during the death of a star by a Supernova

(SN) explosion. As a result of such explosions, the inter stellar medium (ISM) gets

enriched with the metals ejected by the star. A star with a mass M & 8M⊙, where

1
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M⊙ is the mass of the sun, explodes as a core-collapse Supernova (CCSN), leaving

behind either a neutron star or a black hole, depending on the mass of the star.

During the formation of a neutron star (NS) a large amount of excess gravitational

binding energy (GM2
⊙/RNS ∼ 1053 ergs with G being the gravitational constant

and RNS ∼ 10 km being the NS radius) is released. Of this, about 1% and

0.01% is converted into the kinetic energy and optical emission, respectively. The

rest (about 99%) is released as neutrinos in a burst that lasts ∼ 10 seconds. As

these neutrinos stream out, they interact with the matter above the proto-neutron

star giving rise to neutrino-induced nucleosynthesis. The final ejected material

consists of nuclei synthesized during hydrostatic burning, supernova explosion

and neutrino-induced nucleosynthesis.

The majority of the nucleosynthesis during hydrostatic burning and SN explo-

sion occur via nuclear fusion reactions where heavier nuclei are made by fusing

lighter nuclei. Since iron is the most tightly bound nucleus, nuclear fusion be-

yond iron is not energetically favorable. Also, as the atomic number increases,

the Coulomb barrier for the nuclear fusion reactions increases making it harder to

form heavier nuclei. Hence, nuclear fusion during these processes can only make

elements up to about iron. All the elements heavier than the iron group cannot

be made by fusion reactions. Yet elements with mass number up to A ∼ 240 are

observed in the sun (see Fig. 1.1). The elements with A & 56 can be created by

the so called neutron capture processes which was proposed by Burbridge et al.

[8] and Cameron [9, 10] in 1957 to account for the production of elements heavier

than the iron group. As the neutron is electrically neutral, it does not encounter

the Coulomb barrier. If there are free neutrons available, elements such as iron can
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Figure 1.1: Solar System abundance and the contribution of various astrophysical
sources.
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capture these neutrons to produce elements all the way up to uranium. The nuclei

which capture the neutrons are called the seeds. The neutron capture process can

be separated into two categories depending on the neutron capture timescales (τn)

of the seed nuclei with respect to the β-decay timescale (τβ). The slow neutron

capture process (s-process) corresponds to the situation where τn ≫ τβ , while

the rapid neutron capture process (r-process) corresponds to the situation where

τn ≪ τβ . The s-process is responsible for the solar abundance peaks at A ∼ 138

and A ∼ 208, whereas the r-process is responsible for the peaks at A ∼ 130 and

A ∼ 195 (see Fig. 1.1). In addition to the isotopes made by either s-process or the

r-process, there are some stable neutron-deficient isotopes with A ≥ 56. These

isotopes are called p-nuclei and they account for less than 1% of the elemental

abundances of nuclei with A ≥ 56. The processes responsible for producing the

p-nuclei are collectively called the p-process.

1.1 The s-process

The s-process is responsible for producing about half of the abundances of isotopes

heavier than iron. It is characterized by a neutron capture rate of the seed nuclei

which is much slower than the β decay rate. During s-process, the capture of a

neutron by a stable isotope is followed by a β-decay of the radioactive daughter

nucleus before the next neutron capture can take place. Thus the s-process path

operates at mass number which is atmost one unit mass number away from the

closest stable nuclus on the neutron rich side of the β-stability. This holds true

except for some nuclei such as 84Kr and 134Cs, where τn ∼ τβ . These are called
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branching point nuclei. These nuclei can either β-decay or capture a neutron

depending on the temperature and neutron flux giving rise to different branches of

the s-process path. Irrespective of these branch points, the s-process operates close

to the β-stability line as shown in Fig. 1.3. The s-process is thought to happen

in asymptotic giant branch (AGB) stars which have masses of about 1 − 3M⊙.

These stars are responsible for making nuclei with mass number 90 . A . 208.

This is called the main component of the s-process. Technetium (Tc), which does

not have any stable isotope, is observed on the surface of these AGB stars. The

presence of isotopes of Tc, which have a life time of 106 years, points to the fact

that these nuclei are made in situ by the star. This reason is that these stars

have a lifetime of hundreds of million years, and so, Tc cannot be present in the

birth material of these stars. The s-process is also believed to occur in the cores

of massive stars during the hydrostatic burning of helium. This can give rise to

elements with mass number 56 . A . 90. This is called the weak component of

the s-process.

The parameter which is relevant for s-process calculation is the neutron expo-

sure τ defined as

τ =

∫

nn〈vT 〉dt, (1.1)

where nn is the neutron density, 〈vT 〉 is the average thermal velocity of the neu-

trons and t is the time. Under the approximation that τn ≫ τβ and that no

branching occurs, the time evolution of the abundance NA of the stable nuclei
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with mass A is given by

dNA

dτ
= −σANA + σA−1NA−1, (1.2)

where σA is the average neutron capture cross-section for nuclei with mass number

A. A steady state is attained when dNA/dτ and as result σANA is constant. This

is observed to be true for the solar system abundance of s-only nuclei which are

away from the neutron magic numbers that occur at neutron number N = 50, 82,

and 126. At the magic neutron numbers, the neutron capture cross-section is very

low and the steady state approximation breaks down. Nuclei with magic neutron

numbers also act as bottlenecks in the s-process flow where the abundances of

nuclei tend to build up due to the longer β-decay lifetimes of these nuclei. Hence

the s-process abundance peaks at these neutron numbers which corresponds to

A ∼ 138 and A ∼ 208 (see Fig. 1.3). The s-process can produce elements all

the way up to 209Bi, which is the last known stable nucleus. At this stage the

s-process flow is terminated because of α-decay of 210Po. The chain of reactions

leading up to the termination are (see Fig. 1.2 )

209Bi + n → 210Bi + γ, (1.3)

210Bi → 209Po + e+ + νe, (1.4)

209Po → 206Pb + 4He. (1.5)
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Figure 1.2: Reactions leading to the termination for s-process. Shaded boxes
represent stable nuclei whereas unshaded boxes represent unstable nuclei.
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Figure 1.3: The s-process (arrows) and the r-process path (hatched zone). The r-
process path corresponds to a neutron density of nn = 1024 cm−3 at a temperature
of 109 K. Figure adapted from [1]
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1.2 The r-process

The r-process occurs in astrophysical sites where the neutron capture rate on the

seed nuclei is faster than the β-decay rate. Although the basic features of the

r-process have been known for over 50 years, specific astrophysical sites have not

yet been identified. However, a growing set of observational constraints, including

elemental abundances of metal-poor (MP) stars, appear to favor CCSNe. Other

possible scenarios, such as neutron star mergers or neutron star black hole mergers,

are less favored (see Sec. 1.5.2). In contrast to the s-process, the seed nucleus

captures successive neutrons before a β-decay. As a result, the r-process path

operates away from the β-stability compared to the s-process path (see Fig. 1.3).

The condition τn < τβ requires

nn & 1018
[

10−17cm3s−1

〈vσn,γ(Z,A)〉

] [

λβ(Z,A)

10s−1

]

cm−3, (1.6)

where 〈vσn,γ(Z,A)〉 is the thermally averaged product of relative velocity and

neutron-capture cross section for a typical r-process nucleus with proton number

Z and mass number A, and λβ(Z,A) is its β-decay rate. Thus a neutron rich

environment is required for r-process to operate. Such neutron rich environments

may be obtained during a CCSN or during neutron star mergers (NSM). The r-

process can happen in a neutrino-driven wind associated with protoneutron star

formation via CCSNe. This is discussed in chapter 2. The r-process can also

happen in the early Galaxy in the He shell during a CCSN, this is discussed in

chapter 3. A critical parameter for r-process is the ratio of the number abundance
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of seeds Ys to the number abundance of neutron Yn. Assuming that all neutrons

are captured then, in the absence of fission, the average mass number 〈Ar〉 of the

nuclei produced by the r-process is

〈Ar〉 = 〈As〉+
Yn

Ys

, (1.7)

where 〈As〉 is the average mass number of the seed nuclei. Similar to the s-process,

the r-process also encounters the neutron magic numbers. However, this happens

much closer to the neutron drip line where neutron number N is considerably

more than the proton number Z. Thus for a given neutron magic number at N ,

the peaks are encountered at lower values of A than the s-process peaks for the

same neutron magic number (see Fig. 1.3). Therefore, the r-process produces

peaks in the solar-abundance pattern at A ∼ 130 and A ∼ 195 compared to the

corresponding s-process peaks at A ∼ 140 and A ∼ 210, respectively (see Fig. 1.1).

1.3 The p-process

In addition to neutron-rich nuclei made by the s-process and the r-process, there

are 35 proton-rich nuclei with A > 56 that cannot be made by the neutron capture

process. For example, nuclei such as 144Sm (see Fig. 1.4) lie on the proton-rich

side of β-stability. The s-process path, which operates on the neutron-rich side of

β-stability, cannot make 144Sm, whereas 144Nd acts as a shield against r-process

decay path for 144Sm. These nuclei called p-nuclei are typically 10 to 1000 times

less abundant than the r- and s-nuclei. Although the astrophysical site for the



11

p-process is still under study, the p-nuclei are thought to be made by either photo-

disintegration on pre-existing nuclei or proton capture on seed nuclei.

Figure 1.4: Example of nuclei made by r-process only (red boxes), s-process only
(blue boxes) and p-process only (yellow boxes).

One of the plausible sites for the p-process is CCSN during the explosive burn-

ing of the O and Ne shells due to the passage of a shock [11–13]. In this case, the

photo-disintegration reaction

(A,Z) + γ → (A− 1, Z) + n, (1.8)
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on s-nuclei synthesized during earlier evolution, leads to formation of p-nuclei.

This is also called the γ-process. Studies have shown that such processes generally

under-produce nuclei such as 92,94Mo and 96,98Ru, which are amongst the most

abundant p-nuclei. The p-process can also occur in neutrino driven winds (e.g, [14–

16]) where proton capture (aided by neutrinos) in hot expanding matter results in

p-nuclei being formed with A ∼ 64−100 (see Sec. 2.3). Another possible scenario

includes a rapid proton capture (rp- process) in proton-rich matter being accreted

on the surface of neutron stars [17, 18].

1.4 Solar r- and s-patterns

Although both the s-process and the r-process make elements beyond the iron

peak, it is possible to identify nuclei which are exclusively made by either the

s-process (s-only) or by the r-process (r-only) . For example, since the s-process

stops at A = 209, nuclei with A > 209 are entirely made by the r-process. It is

also possible identify s-only and r-only nuclei for A ≤ 209. Most of the nuclei

below A = 209 receive contributions from both r-process and s-process. However,

if there are two stable nuclei with the same value of A but different values of Z,

i.e, isobars, then r-process cannot make the isobar with higher Z as this nucleus

is shielded by the isobar with lower value of Z. Therefore, these nuclei can only

be made by the s-process.
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In Fig. 1.4 we can see that 150Sm is shielded from the r-process decay path by

150Nd. Thus 150Sm is an s-only nuclei. Similarly, if there are two stable isotopes

with mass number A and A + 2, and the isotope A + 2 is unstable then, as the

s-process goes from A to A + 1, it β-decays towards stability before it can reach

the isotope with mass number A + 2. An example of a r-only nuclei is 142Ce

which is separated from 140Ce by an unstable 141Ce (see Fig. 1.4). Since the s-

process operates very close to the line of β-stability, β-decay lifetimes and neutron

capture cross sections, are experimentally well determined for nuclei which lie

along the s-process path. The astrophysical sites and conditions for the s-process

are also known. Hence it is possible to calculate the s-process contribution to

the solar system abundance. This can be done phenomenologically based on

nuclear physics and observational data without taking into account the details

of the stellar physics. This is called the classical model. Figure 1.5 shows the

result of such a calculation [2]. Another approach is take into account all the

relevant physics: nuclear physics, stellar physics and Galactic chemical evolution.

Both methods yield the theoretical s-process abundance in the solar system. The

s-only nuclei serve as important calibration points for these calculations. The

solar r-process abundance pattern is then derived by subtracting the s-process

contribution from the total solar abundance pattern. The solar r-process pattern

also includes the the abundances of the p-nuclei, but since the p-nuclei contribute

< 1% to the abundances of nuclei with A ≥ 56, their effect on the resulting

pattern can be neglected.
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1.5 Observation of r-nuclei

1.5.1 Meteorites

Meteorites were formed at the same time as the formation of the solar system.

The chemical composition of meteorites provide crucial information about the

radioactive nuclei during solar system formation. Analysis of the abundances of

182Hf and 129I in meteorites indicate that there must be two different types of

r-processes. High frequency (H) events are required to produce mainly heavy

r-process nuclei with A > 130, whereas low frequency (L) events are required

to produce light r-process elements with A . 130 [19, 20]. The frequency of

enrichment for a nucleus is estimated to be fH ∼ (3× 107yr)−1 by H events and

fL ∼ (1 × 108yr)−1 by L events. For r-process events, such as CCSNe or NSMs,

the frequency of replenishment in the Galaxy can be expressed as

fmix = (107yr)−1

[

fG
(30yr)−1

](

Mmix

3× 104M⊙

)

(1.9)

where fG is the rate of the event in the galaxy, Mmix is mass of interstellar medium

(ISM) with which the ejecta mixes. For a CCSN the typical values are MSN
mix ∼

3×104M⊙ [21] and fSN
G ∼ (30yr)−1 [22]. This yields a frequency fSN

mix ∼ (107yr)−1.

Similarly for NSM, while MNSM
mix ∼ MSN

mix, the rate in the galaxy fNSM
G ∼ (104 −

105yr)−1 ≪ fSN
G [23, 24]. The corresponding frequency fNSM

mix ∼ (3 × 1010yr)−1 ≪

fSN
mix. This means that while fSN

mix is comparable to fH and fL, f
NSM
mix is much less.

The mass fraction of r-process elements with A > 130 (H events) and A . 130

(L events) in the sun is XH
⊙,r ∼ XL

⊙,r ∼ 4 × 10−8 [2]. The mass of the ejected
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Figure 1.6: CCSNe (left) and NSM (right) as the dominating r-process site. Black
dots denote model stars while Red squares denote observed data. Average ISM
abundances are marked by a continuous line. Figure adapted from [3]

material M
H/L
ej required by either supernova or neutron star mergers to account

for r-process elements in the sun is

M
H/L
ej =

X
H/L
⊙,r Mmix

fH/LτG
, (1.10)

where τG ∼ 1010 yr is the time elapsed before the formation of sun. Thus for SNe

to account for the all the r-elements in the sun, MSN
ej ∼ (10−5−10−6)M⊙, whereas

for neutron star mergers it is MNSM
ej ∼ (10−2 − 10−3)M⊙.

1.5.2 Metal-poor Stars

Metal-poor (MP) stars are defined as stars which are deficient in metals com-

pared to the Sun. In terms of the standard spectroscopic notation, metallicity

is defined by the [Fe/H] value of the star, where for two metals A and B, [A/B]
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= log10(NA/Bb)− log10(NA/NB)⊙. Here “⊙” denotes quantities for the sun. Stars

which have [Fe/H] −2.5 . [Fe/H] . 1.5 are called metal-poor stars. MP stars

with metallicity [Fe/H] . −2.5 are called ultra-metal-poor (UMP) stars. The

UMP stars are formed less than a billion years after the Big Bang. As a result,

these stars can only be enriched by massive stars withM & 8M⊙ which live for less

than a billion years. Also, since the UMP stars are extremely metal deficient, they

can be enriched by only a few SN events. low mass AGB stars, which are the sites

for the main component of the s-process, cannot contribute to the enrichment of

the MP stars as they live for more than a billion years. Furthermore, NSM do not

contribute to the nucleosynthesis in the early Galaxy (see Fig. 1.6). The reason

is that the frequency for NSM in the Galaxy is lower that that of supernovae by a

factor of about 1000. As a result, several SN events take place before a NSM can

take place. Thus, in the early Galaxy where only few SN events take place, NSM

are negligible. Figure 1.6 shows the qualitative difference between the scenarios

where either CCSN or NSM dominate as the main r-process site by plotting the

r-process contribution to Ba as a function of [Fe/H]. It is evident that although

NSM can be an important r-process site for [Fe/H] & −2.5, it cannot account for

the r-process in UMP stars.
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Figure 1.7: Observed abundances for MP star CS 22892052. Adapted from [4]
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As the UMP stars are very old, their surface composition is considered to be

a fossil record of nucleosynthesis and chemical enrichment in the early Galaxy.

Since the r-process is associated with short-lived SNe which operate at these

early times in the Galaxy, it is expected that these UMP stars would show strong

enrichment through r-process. Existence of such UMP stars which are enriched

in the r-process elements was observationally established by Spite & Spite [25].

Many MP stars, including several UMP stars, also exhibit a solar-like pattern

of heavy r-process elements (r-elements) with A & 130 [26]. Figure 1.7 shows

one such UMP star CS 22892052 with [Fe/H] = −3.1. The observed abundance

pattern above Ba seems to be well represented with the observed solar r-process

pattern translated to pass through Eu. As only a few r-process events provided

enrichment to a UMP star, in contrast to the large number of events from the

sun, one is tempted to conclude that there exists a unique site producing heavy

r-elements over the entire Galactic history. In chapter 3 we revisit a scenario first

proposed by Epstein, Colgate and Haxton [5] which suggested a possible r-process

site which could complicate such an interpretation. In chapter 2 we will review

the different possible scenarios of neutrino-induced nucleosynthesis.



Chapter 2

Neutrino-induced

Nucleosynthesis

The neutrinos emitted during a core-collapse Supernova (CCSN) play an impor-

tant role in the nucleosynthesis of elements during such explosive events. When

a star with mass M & 11M⊙, reaches the end of of its burning life cycle, the

star has a onion-shell like structure with iron group elements at its core. The

core is surrounded by a silicon shell followed by neon, oxygen, carbon, and helium

shells, respectively (see Fig. 2.1). The helium shell is surrounded by an extended

hydrogen envelope. At this stage the Fe core cannot generate energy by burning

Fe into heavier nucleus through nuclear fusion reactions since 56Fe is already the

most stable nucleus. As a result, the core contracts under gravitational pressure.

This results in an increase in the density which in turn increases the electron

degeneracy pressure. At this stage the pressure due to gravitational collapse in

20
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countered by the electron degeneracy pressure given by

P =
1

4
(3π2)1/3

(

ρYe

mu

)4/3

~c, (2.1)

where ρ is the matter density, Ye is the number of electrons per baryon, and mu is

the atomic mass unit. The electron degeneracy pressure can only support a core

of mass up to the Chandrasekhar mass (Mch), given by [27]

Mch = 5.38Ye
2

[

1 +

(

se
πYe

)2
]

M⊙, (2.2)

where Ye and se are the average values of electron fraction and electronic entropy

per baryon in the core, respectively. As Si burns into Fe, the mass of the core

increases until it crosses the Chandrasekhar mass Mch. At this stage the electron

degeneracy pressure cannot balance the gravitational pressure. As a result, the

core which has radius of about 1000 km, collapses on a timescale of few milli

seconds to form a protoneutron star (PNS) of radius of RNS of about 10 km. The

triggering of the collapse is aided an by two processes. The first is the electron

capture on nuclei in the core. As the core contracts the Fermi energy ǫf of the

degenerate electron given by

ǫf = (3π2ρYe)
1/3

~c, (2.3)

becomes high enough so that it starts getting captured by nuclei via

(A,Z) + e → (A,Z − 1) + νe. (2.4)
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Figure 2.1: Onion-shell structure of star with M & 11M⊙ near the end of its life
cycle.
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This reduces the electron degeneracy pressure by decreasing the electron density,

thus helping in triggering the collapse. The second process with also helps in

the triggering the collapse is the photo-disintegration of iron in the core. When

the temperature of the core exceeds 5× 109 K, the nuclear statistical equilibrium

favors more α particles than Fe nucleus via the reaction

56Fe + γ ⇋ 13α+ 4n− 124.4MeV. (2.5)

This energy spent in photo-disintegration of Fe reduces thermal pressure and

which aids in triggering the collapse.

The collapse is finally halted when the density of the core reaches nuclear

densities of ρ & 1014 g/cc. At this stage the nucleon-nucleon strong interaction

sets in, resulting in the a sharp increase in pressure. As a result, the entire core

bounces back, and a pressure wave is launched which travels outward to form a

shock wave. If the shock wave in energetic enough, it expels the material outside

the core into the inter stellar medium resulting in a SN explosion, leaving behind

a compact neutron star or a black-hole. However, if the shock does not have

the required energy, then material can fall back onto the PNS resulting in the

formation of a black hole. The contraction of the core from a radius of ∼ 1000

km to a radius of ∼ 10 km, results in a huge excess in the gravitational binding

energy which is given by

EB ≈ −GMc
2

R
≈ −3× 1053

(

10 km

R

)

ergs. (2.6)
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Thus as the radius changes from about 1000 km to 10 km, the change in binding

energy is ∆EB ∼ −3 × 1053 ergs. If the collapse results in the formation of a

neutron star, then almost 99% of the the excess binding is released in the form of

neutrinos of all flavor. The rest 1% of the energy is emitted as kinetic energy of

the material being ejected during the SN explosion.

2.1 Supernova Neutrino Spectra

Neutrinos (antineutrinos) of all species are created inside the PNS via

e+ + e− → ν + ν̄, (2.7)

N +N → N +N + ν + ν̄. (2.8)

As neutrinos of all species stream out of the PNS, they scatter via neutral current

reactions

ν +N → ν
′

+N, (2.9)

ν̄ +N → ν̄
′

+N. (2.10)

and diffuse out of the PNS on a timescale of ∼ 10 s. The neutrino luminosities

satisfy

Lνe ∼ Lν̄e ∼ Lνµ ≈ Lν̄µ ≈ Lντ ≈ Lν̄τ (2.11)
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with typical values of about 1051 erg s−1 for each species. The luminosities decay

on a time scale of about 3 s and is often parametrized by

Lν(t) = Lν(0)e
−t/τ , (2.12)

where Lν(0) is the initial luminosity and τ is the decay time. In addition νµ, ν̄µ,

ντ , and ν̄τ exchange energy with matter via

ν + e+ → ν + e+, (2.13)

ν̄ + e− → ν̄ + e−. (2.14)

The νe and ν̄e in addition to the above neutral current channel, exchange energy

mainly via charged current reactions

νe + n → p+ e−, (2.15)

ν̄e + p → n+ e+. (2.16)

Since the PNS is neutron rich, exchange of energy is more efficient for νe via

Eq. 2.15 than for ν̄e via Eq. 2.16. As a result, νx decouples from local thermo-

dynamic equilibrium inside the PNS closest to the center where the temperature

is hottest. They are followed by ν̄e which decouple next. The νe decouple far-

thest from the center of the PNS where temperature is coldest. This results in a

hierarchy in the average energies of the neutrinos given by

〈Eνx〉 > 〈Eν̄e〉 > 〈Eνe〉. (2.17)
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Numerical calculations show that the neutrino spectra can be parametrized by a

Fermi-Dirac type spectra given by

fν(Eν) =
1

F2(ην)T 3
ν

E2
ν

exp [(Eν/Tν)− ην ] + 1
, (2.18)

where Tν is the temperature associated with the neutrino, η is called the pinching

factor, and F2(ην) is the n = 2 case for the general Fermi integral defined by

Fn(η) ≡
∫ ∞

0

xn

exp(x− η) + 1
.

The average neutrino energy is is related to the temperature via

〈Eν〉 =
F3(ην)

F2(ην)
Tν . (2.19)

For η = 0, 〈Eν〉 = 3.15Tν . So the hierarchy in the average energies is also reflected

in the temperatures of the neutrinos.

2.2 The r-process in the Neutrino-driven Wind

After the collapse of the core, the temperature outside the PNS is T & 1010 K.

At this stage the material is in nuclear statistical equilibrium (NSE) where the

chemical potentials are related by

µ(Z,A) = Zµp + (A− Z)µn, (2.20)
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where µ(Z,A), µn and µp are the chemical potential for nuclei (Z,A), neutrons,

and protons, respectively. At these temperatures, the nuclei are non-degenerate

and non-relativistic and their distribution is given by the Maxwell-Boltzmann

distribution. Hence the number abundance Y (Z,A) of nucleus (Z,A) is given by

Y (Z,A) =
G(Z,A)A3/2

2A

(

2π~2

mukT

)3(A−1)/2 (
ρ

mu

)A−1

Y A−Z
n Y Z

p exp

[

B(Z,A)

kT

]

,

(2.21)

where, G(Z,A) is the nuclear partition function and B(Z,A) is the nuclear bind-

ing energy of the nucleus (Z,A). The nuclear composition can be completely

determined from Ye, T and ρ combined with the requirement of conservation of

charge and mass which gives

Ye = Yp +
∑

(Z,A)

ZY (Z,A), (2.22)

1 = Yn + Yp +
∑

(Z,A)

AY (Z,A), (2.23)

where Ye is the net electron fraction. At this temperature the above equation

favors free nucleons which in turn are heated by reactions n(νe, e
−)p (Eq. 2.15)

and p(ν̄e, e
−)p (Eq. 2.16). Due to this heating, the material expands adiabatically

in the form of a neutrino-driven wind. The expansion can be characterized by

the entropy per nucleon S, which is constant during expansion. For radiation

dominated expansion S ∝ T 3/ρ, whereas during matter domination S ∝ ln(T 3/ρ).

In general, S relates T to ρ so that time evolution of either T completely specifies

the time evolution of ρ and vice-versa. If the expanding matter is electrically
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neutral, then at an initial temperature of T & 1010 K the composition is

Yp(0) = Ye, (2.24)

Yn(0) = 1− Ye. (2.25)

Neutron rich matter corresponds to Ye < 0.5, whereas for proton rich matter

Ye > 0.5. The temperature during expansion can be parametrized as

T (t) = T (0)exp(−t/τdyn), (2.26)

where τdyn is the dynamic timescale of expansion. The values of Ye, S, and τdyn

during the expansion depends on the interaction of neutrinos with the matter

outside the PNS at T & 1010 K. Ye is set by reactions n(νe, e
−)p (Eq. 2.15)

and p(ν̄e, e
−)p at low values of temperature so that the reverse reactions can be

neglected. Thus Ye can be estimated as

Ye ≈
λνen

λνen + λν̄ep

. (2.27)

If Ye < 0.5, this neutrino driven wind can give rise to a r-process. This was first

proposed by [28] and was subsequently extensively studied (see for e.g, [29–33]).

As the matter in the neutrino-driven wind cools to about 0.5 MeV, NSE stars to

break down. At this stage the abundances of nuclei is governed by the so called

quasi-equilibrium (QSE) clusters. Although Eq. 2.21 is still valid within a QSE

cluster, the total abundance for each cluster is governed by the rates reactions

responsible for flow of nuclei into and out of the cluster [34, 35].
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In the temperature range 3.5 MeV & T & 5 MeV, there are two main QSE

clusters. The light cluster involves neutrons, protons, and α-particles, whereas the

heavy cluster involves 12C and and heavier nuclei [35]. Eq. 2.21 can be used to find

the abundance of α-particles in the light cluster as well as the relative abundance

of nuclei in the heavy cluster. The total abundance in the heavy cluster is dictated

by the net outflow of nuclei from the light cluster. The reactions that control this

outflow are

α + α + α ⇋12 C + γ, (2.28)

and

α + α + n ⇋9 Be + γ, (2.29)

followed by

9Be + α ⇋12 C + n. (2.30)

If the abundance of free neutrons are high enough, then Eq. 2.28 is dominated

by Eq. 2.29 and Eq. 2.30. At T of about 0.35 MeV the abundance in the heavy

cluster freezes out. After this, the abundance in the heavy cluster changes slightly

due to neutron and α-capture until matter cools to about 0.25 MeV, when the the

charge particle reactions become ineffective due to the Coulomb barrier. At this

stage the nuclear flow generally reaches A of about 90. The formation of these

heavy elements starting from α-particles is referred to as the α-process [36]. If

the neutron abundance is high enough at this point, then a r-process is launched

with these heavy nuclei as the seeds. For T & 0.10 MeV, the photo-disintegration

rate is much higher than the typical β-decay rate encountered in the r-process
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flow. In addition if the neutron abundance is high enough so that the neutron

capture rate is also much higher than the β-decay rate, then a QSE is established

for each isotopic chain Z due to the (n, γ) ⇋ (γ, n) reactions. As a result the

relative abundance of two neighboring nuclei is related by

Y (Z,A+ 1)

Y (Z,A)
= nn

(

2π~2

mukT

)
3

2

(

A + 1

A

)
3

2 G(Z,A+ 1)

2G(Z,A)
exp

[

Sn(Z,A+ 1)

kT

]

,

(2.31)

where Sn(Z,A+ 1) is the neutron separation energy for nuclei (Z,A+ 1).

The neutrons in the neutrino-driven wind are not only directly responsible

for the r-process, but also facilitate the production of the seeds via reactions

(2.29)-(2.30) which are much more efficient than reaction 2.28 in a neutron-rich

environment. For a given value of Ye, the value of S and τdyn determine the

efficiency of reaction (2.29) during expansion and hence the value of the critical

parameter Yn/Ys (see Eq. 1.7). Higher entropy gives rise to photons in the high

energy tail of the Bose-Einstein distribution which can destroy 9Be due the reverse

reaction of Eq. 2.29. This reduces the seed abundance Ys leading to more r-process.

Typically, S needs to be a few hundreds in order to avoid over abundance of seeds.

Similarly, shorter τdyn also reduces Ys due to the shorter duration of the α-process.

Figure 2.2 shows a combination of Ye and S which would give rise to a successful r-

process resulting in a major production of element with A > 130 for three different

values of τdyn. Detailed studies of the physical conditions in the neutrino-driven

wind from PNS made in studies such as [37] and [38], do not fulfill the conditions

required for production of r-process elements beyond A > 130. However, the

failure to get a successful r-process in the neutrino-driven wind may be caused
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Figure 2.2: Combination of S and Ye for three different values of τdyn that would
result in major production of r-process elements with A > 130. Figure adapted
for Ref. [4].
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due to uncertainties in the models. Studies have been undertaken to remedy the

situation by using better physical inputs but a sucessful r-process is yet to be seen

in simulations [39].

2.3 The νp-process

Neutrino-induced proton capture leading to the formation of p-nuclei, also known

as the νp-process was discovered in recent years [14–16]. Recent simulations of

supernova explosions with detailed neutrino interactions [40, 41] indicate that

the matter form the neutrino-driven wind can be proton rich during the early

phase of the neutrino emission. The dynamics is similar to the situation discussed

above for the r-process in the neutrino driven wind. However, in this case, the

matter in the neutrino-driven wind has Ye > 0.5 i.e., it is proton-rich. As a

result, reaction (2.29) is ineffective and heavy elements are formed via the less

efficient reaction (2.28). Consequently, depending on the value of S and τdyn,

only a fraction of the alpha particles form Fe group nuclei. As a result, high

values of proton to seed ratio is obtained even with low values of entropy. This

is in contrast to the neutron-rich environment discussed in the previous section.

When the temperature drops to about 0.25 MeV, matter is mostly composed of

4He, followed by protons and Fe group nuclei (mainly 56Ni). The free protons can

capture onto the Fe peak elements leading to a p-process. In general, the p-process

involves a few proton-capture i.e (p, γ) reactions followed by β-decay reactions.

But, beyond the Fe peak, a potential bottle-neck for the p-process path is created
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by nuclei such as 64Ge which long β-decay times and small proton-capture cross-

sections. However, neutrinos play an important role in avoiding this bottle-neck.

The reason is as follows. As protons are more abundant than Fe group nuclei, ν̄e

are mainly captured by protons via Eq. 2.16 leading to a free neutron density of

about 1014 cm−3 for several seconds. The free neutrons can then be captured by

neutron-deficient nuclei such as 64Ge via

(A,Z) + n → (A,Z − 1) + p, (2.32)

on timescales which are much shorter than the β-decay timescales. Thus the

(n, p) reactions acts as an effective β-decay reaction which allows further proton-

captures. Consequently, the p-process flow can continue well beyond the Fe peak

elements. Numerical studies have shown that nuclei up to A ∼ 100 can be pro-

duced with moderate entropy values of S ∼ 55− 75 by the νp-process.

2.4 The ν-process

In addition to the possibility of nucleosynthesis in the neutrino-driven wind, neu-

trinos can interact with the matter in the shells above the protoneutron star, i.e,

the mantle during a core-collapse supernova. Neutrinos interact via neutral cur-

rent and charged current reactions to excite heavy nuclei leading to break up into

daughter nuclei. Although the neutrinos interact weakly and only 1% of the nuclei

in the mantle experience neutrino reactions, rare nuclei which are one mass unit



34

below an abundant parent nuclei can be dominantly produced by the neutrino in-

teractions. Such scenarios were first considered in Ref. [42, 43], and later studied

in detail by [44, 45] and [46]. Specifically the inelastic neutral current reactions

lead to reactions such as

(Z,A) + ν → (Z,A− 1) + n+ ν
′

,

→ (Z − 1, A− 1) + p+ ν
′

,

→ (Z − 2, A− 4) + α + ν
′

. (2.33)

In addition νe and ν̄e can interact through charged current reactions which can

also lead to spallation of neutrons, protons, and alpha particles. These neutrino

reactions can account for the production of rare nuclei such as 19F and 11B. In

addition the neutrino process can also produce 138La and 180Ta, two of nature’s

rarest isotopes. 19F is produced in the Neon shell via 20Ne(ν, ν
′

n)19Ne(e+, ν)19F.

Charged current reactions 20Ne(ν̄e, e
+n)19F and 20Ne(νe, e

−p)19Ne(e+, ν)19F also

contribute significantly towards 19F production. 11B is produced in the C shell

via 12C(ν, ν
′

n)11C(e+, ν)11B and 12C(ν, ν
′

p)11B. 138La and 180Ta are dominantly

produced by charged current reactions 138Ba(νe, e
−)138La, and 180Hf(νe, e

−)180Ta,

respectively.



Chapter 3

The ECH Mechanism

Neutrino-induced nucleosynthesis in He shells during a SN explosion was first pro-

posed by Epstein, Colgate and Haxton (ECH) [5] as a candidate for the r-process.

They considered neutral current neutrino reactions with 4He as the mechanism

for neutron production required for the r-process. Specifically, they considered

the reactions

ν + 4He → 3He + n + ν
′

, (3.1)

ν + 4He → 3H+ p + ν
′

. (3.2)

The neutrons emitted in reaction (3.1) are quickly absorbed by 3He via

3He + n → 3H+ p. (3.3)

35
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Thus for each neutrino neutral current reaction involving 4He we get one 3H

nucleus and a proton. Two 3H nuclei then combine to give neutrons via

3H + 3H → 4He + 2n. (3.4)

If reaction (3.4) is efficient, then each neutrino reaction on 4He produces a neutron

by the chain of reactions (3.1)–(3.4). Thus, even though the neutrons directly

produced by neutrinos via reaction (3.1) are immediately absorbed due to reaction

(3.3), they are formed indirectly by reaction (3.4). In this case the efficiency of

Eq. 3.4 is critical in order to have free neutrons in the He shell. The neutrons

thus produced are then captured by 56Fe which is present in the He shell from

the birth material of the star. If there are enough neutrons per 56Fe nuclei, then

it can result in a r-process. In addition to 56Fe, nuclei such as 12C, 14N and 16O,

which are also present in the He shell, can absorb neutrons. This reduces the

amount of neutrons available for 56Fe, and hence these nuclei are called poisons.

In their calculation ECH used 14N as the poison. The number ratio of 14N to

56Fe was fixed at 20, which is about half of what is observed in the Sun. The

abundance of Fe was kept constant to account for the nuclei with A > 56. This is

a reasonable approximation as long as the neutron capture cross-sections for all

nuclei heavier than A = 56 are the same as that of 56Fe. To zeroth order, this

holds true. They considered He zones at a radius of about 1 × 109 cm, with a

density of ρ = 3×103 g/cc and a temperature of 2×108 K. The fraction φν of
4He

nuclei that is destroyed by neutrino reactions was taken to be 1× 10−3. However,

due to an error in the rate equation originally used by ECH, the effective φν was
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Figure 3.1: Evolution of light element abundances. Rerun of original ECH [5] case
at [Fe/H] = -1 with correct rate equation at T = 2× 108 K and φν = 1× 10−3.
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4 × 10−3 (see [45]). It was also noticed that the temperature used by ECH was

misquoted to be 3× 108 K instead of 2× 108 K [45].

Figure 3.1 shows a rerun of one of the sample runs done by ECH for [Fe/H] = -

1. The time evolution of the nuclei can be understood as follows. The free neutron

abundance Yn quickly reaches a quasi equilibrium within a few milli seconds due

to production by reactions (3.1)–(3.4) and destruction via neutron capture on 14N

and Fe. Thereafter, Yn rises due to the decrease of 14N poison and then begins to

decrease again as neutron capture on Fe continues. The production of neutrons

via Eq. 3.4 is severely inhibited by the destruction of 3H via

3H + 4He → 7Li + γ. (3.5)

This reduces the the efficiency of reaction 3H(3H(2n)α (Eq. 3.4) which is critical for

neutron production. This scenario was critiqued in Ref. [45] for being viable only

in low-metallicity, compact SNe. Low-metallicity ([Fe/H]. −3) would ensure that

the number of neutrons compared to the number of Fe seed would be high enough

to get a successful r-process. Compact SNe on the other hand would ensure that

the He shell is at a radius of about 109 cm. This would ensure that the neutrino

flux is high enough so that the rate for the neutral current reactions (3.1) and (3.2)

are high enough for a successful r-process. However, it was also noted in Ref. [45]

that for a low radius of about 1× 109 cm, as considered by ECH, the peak shock

temperature may exceed a few billion degrees which could result in the destruction

of the r-process nuclei. Furthermore, 4He burning for a radius of about 109 cm

will produce 12C, a poison not considered by ECH. This may adversely affect the
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prospects of a r-process in the He shell. Subsequent reexamination of the ECH

mechanism focused on the neutral current reactions only, either confirming earlier

results or finding no significant production of A > 80 nuclei without assuming ad

hoc conditions in outer He zones [47–49]. For example, in Ref. [48] a successful

r-process producing an abundance peak at A ∼ 130 was observed by artificially

increasing the 13C in the outer helium shell to a mass fraction of X(13C)& 10−5

using simplified rates. With realistic rates the r-process flow only went up to

A ∼ 80 even with the injection of 13C.

3.1 Re-examination of the ECH Mechanism

As mentioned before, the conditions required for the r-process in the neutrino-

driven wind has not yet been achieved. Furthermore, other attractive scenarios

such as neutron star mergers, may turn on at higher metallicity (see Sec. 1.5).

Hence, it is important to explore any mechanism that might account for the

r-process elements produced at lower metallicity, i.e., earlier times. We revisit

the ECH mechanism with the goal of possibly identifying “an r-process” which

operates at these early times [50].

We now consider the important phenomena of neutrino oscillations and study

its effect on the ECH mechanism. It is well established that neutrinos are mas-

sive and they undergo flavor oscillations as they travel through matter as well as

through vacuum. Neutral current reactions 4He(ν, ν
′

n)3He (Eq. 3.1) and 4He(ν, ν
′

p)3H

(Eq. 3.2) that were originally considered by ECH are flavor blind. As a result they
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are insensitive to neutrino flavor oscillations. Hence to determine the effect of neu-

trino flavor oscillations, we include the charged current reactions

νe +
4He → 3He + p + e−, (3.6)

ν̄e +
4He → 3H+ n + e+, (3.7)

which are sensitive to electron neutrino and antineutrino flavor transformations.

Since the neutrinos emitted from SNe have average energies of 20 MeV, which is

much less than the mass of a muon or a taon, charged current reactions involv-

ing muon and tauon flavor neutrinos are negligible. In contrast, reactions (3.6)

and (3.7) have threshold energies of 20.36 and 21.18 MeV, respectively. Hence

neutrinos emitted during a SN which have energies & 21 MeV contribute to the

cross-section of the above reactions.

The rate of neutrino interaction per 4He nuclei for both neutral and charged

current reactions at a radius r is given by

λνα(t) =
Lν(t)

〈Eν〉4πr2
〈σνα(Tν)〉

= 1.58 · 10−7/s

(

Lν

1052 ergs/s

)(

MeV

Tν

)( 〈σνα(Tν)〉
10−43 cm2

)(

1010 cm

r

)

,(3.8)

where 〈σνα(Tν)〉 is the cross-section averaged over the neutrino spectra. Here we

have we have used 〈Eν〉 ∝ Tν (see Eq. 2.19) for a Fermi-Dirac type neutrino spec-

tra (Eq. 2.18). Hence the rate of neutrino reactions is proportional to 〈σνα(Tν)〉.

It is interesting to find the range of neutrino energies which contribute the most

to the value of 〈σνα(Tν)〉 for a given Tν . For this we need the cross-section as
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Figure 3.2: Normalized σCC
νeαfν as a function of neutrino energy Eν for neutrino

temperatures of Tνe = 4 MeV (solid lines) and Tνe = 8 MeV (dashed lines)
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a function of the neutrino energy Eν . In order to find the energy dependence

of the cross-section, we use values from Ref. [51] where cross-sections averaged

over the neutrino spectra are given at neutrino temperatures Tν of 2, 4, 6, 8 and

10 MeV. The spectra used by the authors in Ref. [51] is given by Eq. 2.18 with

η = 0. We assume that the cross-sections for reactions (3.6)–(3.7) are of the form

σ = σ0(ǫν − ǫth)
α, where ǫν and ǫth are the energy of neutrinos and threshold

energy, respectively, and σ0 and α are constants. Then the cross-section averaged

over the spectra is given by

〈σ(Tν)〉 =
σ0T

α
ν

F2(0)

∫ ∞

xth

(x− xth)
αx2dx

ex + 1
, (3.9)

where xth = Eν/Eth. Comparing this to the values given in [51] we get α ≈ 3.81

and σ0 = 2.41×10−47cm2 for reaction (3.7), and α ≈ 3.92 and σ0 = 2.02×10−47cm2

for reaction (3.6). Figure 3.2 shows the dependence of σfν on Eν for reaction (3.6)

for two different neutrino temperatures Tνe = 4 MeV and 8 MeV. We see that for

Tνe = 4 MeV, the dominant contribution comes from neutrinos with energy of

about 40 MeV whereas for Tnue
= 8 MeV the dominant contribution is from Eν

of about 60 MeV. Figure 3.3 shows a similar plot for reaction (3.7) for neutrino

temperatures Tν̄e = 5.33 MeV and 8 MeV. We see that for Tν̄e = 5.33 MeV, ν̄e

energy of about 50 MeV is the dominant contributor whereas for Tν̄e = 8 MeV

the dominant contribution comes from a ν̄e energy of about 60 MeV. It is also

important to note the dependence of rate for reactions (3.6) and (3.7) as a function

of Tν . This can be done by assuming that, between two neutrino temperatures
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T1 ≤ Tν ≤ T2, the value of 〈σνα(Tν)〉 quoted in [51] is given by

〈σ(Tν)〉 = BT k+1
ν , (3.10)

where B and k are constants valid for T1 ≤ Tν ≤ T2. Then, using Eq. 3.8, the

rate involving 4He nuclei for T1 ≤ Tν ≤ T2 is given by

λνα(t) ∝ T k
ν . (3.11)
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Figure 3.3: Normalized σCC
ν̄eαfν as a function of neutrino energy Eν for neutrino

temperatures of Tν̄e = 5.33 MeV (solid lines) and Tν̄e = 8 MeV (dashed lines)
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Using the values quoted in Ref. [51] we find

λCC
νeα ∝ T 6.26

νe ∝ λCC
ν̄eα, for 4 MeV ≤ Tνe, Tν̄e ≤ 6 MeV, (3.12)

λCC
νeα ∝ T 5.17

νe ∝ λCC
ν̄eα, for 6 MeV ≤ Tνe, Tν̄e ≤ 8 MeV. (3.13)

A similar calculation can also be done for neutral current neutrino reactions (3.1)

and (3.2) using values quoted in [51]. This yields

λNC
να ∝ T 6.30

νe , for 4 MeV ≤ Tν , Tν̄ ≤ 6 MeV, (3.14)

λNC
να ∝ T 5.22

νe , for 6 MeV ≤ Tν , Tν̄ ≤ 8 MeV, (3.15)

where λNC
να is the total neutral current cross-section including neutrinos and an-

tineutrinos. This means that rates for both neutral and charged current neutrino

reactions involving 4He are extremely sensitive to the neutrino temperature. How-

ever, as neutral current reactions are flavor blind, the neutrino temperatures do

not change due to flavor oscillations as neutrinos stream out of the SN. On the

other hand, neutrino flavor oscillations can change the temperatures of νe and ν̄e

resulting in a large change in the neutrino charge current rates. In the section

below we discuss the effects of oscillations on the neutrino spectra before it reaches

the outer He shell which is the site for the r-process via the ECH mechanism (see

Sec. 3.1.2).
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3.1.1 Neutrino Oscillations and MSW Effect

It is now well established experimentally that neutrinos (and antineutrinos) which

take part in weak interactions are of three distinct types or flavors: νe, νµ, and ντ

(ν̄e, ν̄µ, and ν̄τ ), corresponding to the three lepton flavors namely electron, muon,

and tauon (anti-electron, anti-muon, and anti-tauon). A neutrino (antineutrino)

of a given flavor is always produced with leptons (antileptons) of the corresponding

flavor. It has also been well established that as a neutrino of a given flavor travels

through vacuum, the probability of finding the same neutrino in a different flavor

is non-zero. For example, if a νµ of momentum p is produced in an interaction,

then the probability of finding a ντ neutrino at a distance L from the source,

P (νµ → ντ ; p, L), is not equal to zero. P (νµ → ντ ; p, L) is called the oscillation

probability. Oscillations require that the neutrinos be massive. In addition, it

also means that the mass states ν1, ν2, and ν3 which are the eigenstates of the

total Hamiltonian in vacuum, do not coincide with the flavor states. In general

the flavor states are a linear combination of the mass eigenstates and are related

by

νl = Uliνi, (3.16)

where l = e, µ, τ is the flavor index, i = 1, 2, 3 is the mass index, and the mixing

parameters Uli form a unitary matrix called the neutrino mixing matrix (see [52–

54]). The mixing matrix U is parametrized by three mixing angles θ12, θ13, and
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θ23 and a CP violating phase δ. It can be expressed as

U ≡ R23(θ23)R13(θ13)R12(θ12) (3.17)

=













1 0 0

0 c23 s23

0 −s23 c23

























c13 0 s13e
−iδ

0 1 0

−s13e
iδ 0 c13

























c12 s12 0

−s12 c12 0

0 1 1













, (3.18)

where, sij ≡ sin θij , cij ≡ cos θij . The observed values for the mixing angles are

sin2 2θ12 = 0.861+0.026
−0.022, sin2 2θ23 > 0.92, sin2 2θ13 < 0.15, (3.19)

with a confidence level of 90% The measured values for the mass differences are

m2
3 −m2

2 ≡ δm2
23 = ±(2.43± 0.13)× 10−3 eV2, (3.20)

m2
2 −m2

1 ≡ δm2
12 = (8.59± 0.31)× 10−5 eV2. (3.21)

The sign of ∆m2
32 ≈ ∆m2

31 is unknown. When ∆m2
32 > 0, i.e, m3 > m2, it

is referred to as a normal hierarchy (NH) whereas ∆m2
32 < 0 is referred to as an

inverted hierarchy (IH). Figure 3.4 shows the flavor content of the mass eigenstates

for two different scenarios. For the normal mass hierarchy, the heaviest state is ν3

which is roughly an equal admixture of νµ and ντ . The next heaviest state is ν2

which is roughly an equal admixture of νe, νµ, and ντ , whereas the lightest state

ν1 is primarily composed of νe with small and roughly equal amounts of νµ and

ντ . For the case of an inverted hierarchy, the flavor content remains unchanged,
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Figure 3.4: Flavor content of the vacuum mass eigenstates for normal and inverted
neutrino mass hierarchy.
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but ν3 becomes the lightest state whereas ν2 becomes the heaviest state.

For simplicity let us consider two-flavor neutrino mixing νe–νa, where νa is a

non-electron neutrino state. For such a scenario the mixing can be written as

|νe〉 = cos θ12 |ν1〉+ sin θ12 |ν2〉 ,

|νa〉 = − sin θ12 |ν1〉+ cos θ12 |ν2〉 , (3.22)

where |νa〉 is a nearly equal admixture of |νµ〉 and |ντ 〉, and θ12 is the mixing angle.

If a neutrino |ν〉 produced in the νe with a momentum p, then the state at time t

can be written as

|ν(0)〉 = cos θ12 |ν1〉 exp[i(px− E1t] + sin θ12 |ν2〉 exp[i(px− E2t], (3.23)

where E1 and E2 are the energies of neutrinos with mass m1 and m2. Since

neutrinos are relativistic (E ≫ m), E1 ≈ p + m2
1/2p and E2 ≈ p + m2

2/2p. The

probability that the neutrino has oscillated from νe to νµ is

P (νµ → ντ ; p, t) = |〈νµ| ν(t)〉| sin2 θ12 sin
2

(

∆m2
12

4p
t

)

. (3.24)

In general, the vacuum Hamiltonian for a neutrino of momentum p in the mass

eigenstate basis is given by H0(p) =
1
2p
M2, where M = Diag(m1, m2, m3). In the

flavor basis this becomes

H0(p) = UM2U †/2p. (3.25)
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In addition to vacuum oscillations, elastic forward scattering of neutrinos on elec-

trons in ordinary matter can lead to matter oscillations [55, 56]. It arises due to

the fact that νe and ν̄e can forward scatter on electrons via the charged current

in addition to the neutral current scattering on electrons [57]. This results in an

effective interaction Hamiltonian Hint such that

〈νµ,τ |Hint |νµ,τ 〉 = 0, 〈νe|Hint |νe〉 =
√
2GFne, (3.26)

〈ν̄|Hint |ν̄〉 = −〈ν|Hint |ν〉 , (3.27)

where GF is the Fermi constant, and ne = ρNAYe is the electron number density.

Thus Hint in the flavor basis is given by

Hint =













√
2GFne 0 0

0 0 0

0 0 0













. (3.28)

The total Hamiltonian is H= H0 + Hint. Since the effective interaction hamil-

tonian contributes a potential to the νe, any rotation in the subspace of νµ − ντ

does not affect the physics.

In order to study three flavor evolution it is convenient to rotate the neutrino

states (νe, νµ, ντ ) → (νe, ν
′

µ, ν
′

τ ) via

U
′

= R†
23U = R13(θ13)R12(θ12). (3.29)
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The vacuum hamiltonian in the flavor basis can then be expressed explicitly as

[58]

H0 =
δm2

13

2p













s213 0 c13s13

0 0 0

c13s13 0 c213













(3.30)

+
δm2

12

2p













c213s
2
12 c12c13s12 −c13s

2
12s13

c12c13s12 c212 −c12s12s13

−c13s
2
12s13 −c12s12s13 s212s

2
13













. (3.31)

The second term in the above hamiltonian can be simplified further by taking

s13 ≈ 0 and c13 ≈ 1. Then the above hamiltonian becomes

H0 =
δm2

13

2p













s213 0 c13s13

0 0 0

c13s13 0 c213













+
δm2

12

2p













s212 c12s12 0

c12s12 c212 0

0 0 0













. (3.32)

Under such conditions, the three flavor oscillation scenario reduces to a two

step problem corresponding to the mass splitting δm2
12 and δm2

31, where each

step involves a two flavor neutrino oscillation. Specifically, δm2
13 corresponds

to oscillations between νe ⇋ ν
′

τ , whereas δm2
12 corresponds to oscillations be-

tween νe ⇋ ν
′

µ. Close to the protoneutron star the density is very high so that
√
2GFne ≫ ∆13 ≫ ∆12. In such a scenario, the off diagonal terms in the total

hamiltonian H = H0+Hint reduce to H ≈ Diag(±
√
2GFne,∆12c

2
12,∆13c

2
13), where

+ and − signs are for neutrinos and anti neutrinos respectively. Thus at such high
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densities the flavor eigenstates coincide with the instantaneous mass eigenstates.

As an example, let us consider the two flavor case corresponding to δm2
13, i.e,

νe ⇋ ν
′

τ oscillations with a normal mass hierarchy. The total hamiltonian in this

case is a 2D matrix given by

H(E ≈ E) =







∆13s
2
13 +

√
2GFne ∆13c13s13

∆13c13s13 ∆13c
2
13






(3.33)

where ∆13 = δm2
13/2E and E ≈ p. The above matrix can be expressed (after

some algebra) as the sum of a traceless matrix and a matrix proportional to the

identity matrix. The term proportional to the identity matrix can be neglected

as it only contributes to an overall phase. The traceless part of the hamiltonian

is given by

H(E) =
1

2







√
2GFne −∆13 cos 2θ13 ∆13 sin 2θ13

∆13 sin 2θ13 ∆13 cos 2θ13 −
√
2GFne






(3.34)

The neutrino wave function in matter can be written as

|ν(t)〉 = ae(t) |νe〉+ aτ ′ (t) |ντ ′ 〉 . (3.35)

The propagation of the wave function is given by the Schrödinger equation

i
d

dx
|ν(x)〉 = H |ν(x)〉 . (3.36)

Here we have taken speed of neutrinos to be c = 1 and thus set x = t, where x is
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the distance a neutrino travels from the point of origin. The above equation can

be expressed in terms of the evolution of ae and aτ ′ with x as

i
d

dx







ae

aτ ′






= H







ae

aτ ′






, (3.37)

where H is given by Eq. 3.34. Initially, near the center of the SN, the density is

very high and the hamiltonian is given by Eq. 3.28. As a result νe corresponds to

the heaviest mass eigenstate ν3m and ντ ′ corresponds to ν2m. The flavor states in

this situation can then be expressed in terms of the instantaneous mass eigenstates

by diagonalizing the above matrix. This yields

|νe〉 = cos θm |ν2m〉+ sin θm |ν3m〉 ,

|ντ ′ 〉 = − sin θm |ν2m〉+ cos θm |ν3m〉 , (3.38)

where θm is the mixing angle in matter and is related to the vacuum mixing angle

by

cos 2θm =
∆13 cos 2θ13 −

√
2GFne

√

(∆13 cos 2θ13 −
√
2GFne)2 +∆2

13 sin
2 2θ13

, (3.39)

sin 2θm =
∆13 sin 2θ12

√

(∆13 cos 2θ13 −
√
2GFne)2 +∆2

13 sin
2 2θ13

. (3.40)

where ∆13 = δm2
13/2Eν . Similar equations can be written for antineutrinos by
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replacing ν → ν̄ and GF → −GF . The instantaneous mass eigenvalues corre-

sponding to ν2m and ν3m are −ω and +ω, respectively, where

ω =
1

2

√

(∆13 cos 2θ13 −
√
2GFne)2 +∆2

13 sin
2 2θ13. (3.41)

In order to analyze the evolution of the neutrino wave function in matter it is

convenient to express it in terms of the local mass eigenstates given by

|ν(t)〉 = a2m(t) |ν2m〉+ a3m(t) |ν3m〉 . (3.42)

The evolution of a2m and a3m is given by

i
d

dx







a2m

a3m






=







−ω −iα

iα ω













a2m

a3m






, (3.43)

where the term α governs the mixing between the mass eigenstates and is given

by

α =
∆13

2

√
2GF sin θ13

dne

dx

(∆13 cos 2θ13 −
√
2GFne)2 +∆2

13 sin
2 2θ13

(3.44)

When ne = ρNAYe, is constant, there is no mixing between the instantaneous mass

eigenstates as α = 0. On the other hand, when neutrinos stream out from the

center of the PNS during a SN, ρ changes from a very high value (ρ > 1010 g/cc)

near the PNS to a very low value (ρ < 1 g /cc) in the envelope of the star. This

results in mixing of the the instantaneous mass eigenstates due to the non-zero

value of α. However, if |α| ≪ |ω|, then the the mixing is almost negligible. This

is called the adiabatic condition. For adiabaticity to hold the required condition
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is

γ =
∣

∣

∣

ω

α

∣

∣

∣
=

(

(∆13 cos 2θ13 −
√
2GFne)

2 +∆2
13 sin

2 2θ13
)3/2

√
2GF∆sin θ13

dne

dx

≫ 1. (3.45)

The above condition becomes most stringent when ∆13 cos 2θ13 =
√
2GFne. This

is called the resonance point where the density ρres is given by

ρres = 6.55× 106g cm−3

(

δm

eV2

)(

MeV

Eν

)

cos 2θ Ye. (3.46)

At the resonant density, the mixing between the flavor states and the instanta-

neous mass eigenstates is maximum, i.e, θm = π/4. Near the resonant density

a heavy mass eigenstate can jump to a low mass eigenstate depending on the

value of γ at resonance. The transition probability can be expressed analytically

by assuming a linear density profile near the resonance region. Under such an

approximation the transition or hopping probability is given by the Landau-Zener

formula [59, 60]

Phop = e−πγ/2. (3.47)

Clearly, under adiabatic conditions, i.e, γ ≫ 1, Phop ≈ 0. Near the PNS ρ > 1010

g/cc, where
√
2GFne ≫ ∆13 cos 2θ13. As a result, a νe (ν̄e) produced at such

densities is in the ν3m state (see Eq. 3.39-3.40). If the evolution is adiabatic

then ν3m → ν3 as the neutrinos travel towards lower densities (see Eq. 3.38). The

survival probability when the neutrino wave function reaches a low density is given

by

P (νe → νe) = sin2 θ13 (NH), P (ν̄e → ν̄e) = sin2 θ13 (IH). (3.48)

As sin θ13 ≈ 0, the survival probability is very small. Thus all the νe is converted
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to ντ ′ for a normal hierarchy, whereas all the ν̄e is converted to ν̄τ ′ for an inverted

hierarchy.

A second resonance is encountered by νe due to the δm2
12 mass splitting. In

this case the oscillation takes place between the νe and νµ′ state. The above

arguments for the νe ⇋ ν
′

τ oscillations can be repeated in this case.

Figure 3.5: Evolution of neutrino flavor and instantaneous mass eigenstates for
normal (left) and inverted (right) neutrino mass hierarchy. Figure adapted from
[6].
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This yields a a resonance at a density which is a factor of about 40 lower

than the resonance due to the δm2
13 splitting. The lower density resonance due

to δm2
12 splitting is called the L resonance and the higher density resonance due

to δm2
13 splitting is called the H resonance. Figure. 3.5 shows the evolution of

the flavor eigenstates in supernova as a a function of electron number density ne.

This corresponds to neutrinos streaming out of the supernova from a very high

density region (ne → ∞) at the center, to a low density region (ne → 0). Under

the adiabatic approximation the situation can be summarized as below:

• Normal Hierarchy: νe goes through both the H and L resonances. As a

result a fraction f = cos2 θ13 ≈ 1 of νe oscillates to a combination of νµ and

ντ and vice versa. Thus the initial temperature of νe changes from Tνe to

Tνµ.

• Inverted Hierarchy: ν̄e goes through the H resonance. As a result, a fraction

f = cos2 θ13 ≈ 1 of ν̄e oscillate to a combination of ν̄µ and ν̄τ , and its

temperature changes from Tν̄e to Tµ̄. A fraction f = cos2 θ12 ≈ 0.68 of νe

oscillate to a combination of νµ and ντ and vice versa.

3.1.2 Site for Modified ECH Mechanism

For our study, we use recently generated models u11-u75 of metal-poor stars of

masses 11 − 75M⊙ [61]. Like ECH, we consider the He shells as the site for

neutrino induced r-process. The main poisons in the He shell of these models

are 12C, 14N, and 16O. For a successful r-process the abundance of the poisons

should be low enough such that neutrons are dominantly captured by the seed
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nuclei (56Fe). In order to make sure that this condition is satisfied, we consider

the outer He shells in these models where the mass fraction fraction X of the

poisons are: X(12C) . 10−5, X(14N) . 10−6, and X(16O) . 10−8. Abundances of

other poisons such as 20Ne, 34Mg, 28Si, 32S, 36Ar, 40Ca, and 44Ti are also low in

these zones such that λn,γ(poison) ≪ λn,γ(
56Fe), where λn,γ(poison) is the total

neutron capture rate of all the poisons. The λn,γ(poison) is given by

λn,γ(poison) = ρNA

∑

poison

〈σ(n, γ)v〉TYpoison, (3.49)

where 〈σ(n, γ)v〉T is the thermally averaged neutron capture cross-sections at tem-

perature T . The outer He zones which satisfy the above conditions are typically

at a radius of about 1 × 1010 cm. The gravitational collapse time scale for these

shells is

τcoll ∼
1

α

√

r3

2GMenc
∼ 102

(

0.6

α

)(

M⊙

Menc

)1/2

r
3/2
10 s, (3.50)

where α ∼ 0.6 is the ratio of the infall velocity to the free-fall velocity, Menc ∼ 2.4–

33M⊙ is the mass enclosed within r, and r10 is r in units of 1010 cm. The velocity

of the shocked material vsh can be estimated by equating the kinetic energy of the

shocked material to the explosion energy E to be

vsh ∼
(

2E

Menc −MNS

)1/2

, (3.51)

whereMNS ≈ 1.4M⊙ is the mass of the neutron star produced by the core collapse,

andMenc is the mass enclosed behind the shock. The shock arrival time at a radius
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r is then given by [45] (see A)

τsh ∼ r/vsh = 21.8

(

Menc −MNS

M⊙

)1/2
r10

E
1/2
50

s, (3.52)

where E50 is the explosion energy in units of 1050 ergs. Thus for a typical value

of Menc ≈ 2.4, E50 ≈ 10, and r10 ≈ 1, τsh ≪ τcoll. Under such conditions we can

assume that the radius, density, and temperature of the He-shell material stay

constant before the arrival of the shock, i.e., the outer He shells are in hydrostatic

equilibrium before the arrival of the shock. Following the passage of the shock,

both the temperature and density of the material first increase rapidly and then

decrease on time-scales comparable to τsh (see A). The peak temperature (in units

of 108 K) of the shocked material is [45] (see A)

Tp,8 ∼ 2.37E
1/4
50 r

−3/4
10 . (3.53)

For such low temperatures, photo-dissociation of heavy nuclei will not occur [45].

Other effects of shock-wave passage are helpful to the r-process. The density of

shocked material jumps to about 7 times the pre-shock value and then decreases

slowly on timescales of comparable to τsh (see A). This is clearly beneficial for the

neutron capture rate which is proportional to density. For our present calculation

we consider only the pre-shock phase of the nucleosynthesis in the He shells. How-

ever, a self-consistent calculation which includes the effect of shock is performed

to test the present calculations and predictions in Sec. 3.2.
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Figure 3.6: ν-induced nucleosynthesis in u11, zone 597: Number fractions Yi(t) of
A < 16 nuclei.
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During the several seconds following core collapse, an intense flux of neutrinos

irradiates the He zone. While the zone’s radius, density, and temperature are

unchanged, neutrino reactions must induce and maintain a free-neutron density

nn & 1018/cm3 to drive an r-process (see Eq. 1.6). We take the neutrino luminosity

given by Eq. 2.12 for each of the six flavors, with Lν(0) = 1.67 × 1052 erg/s and

τ = 3 s, so that the total energy carried off by neutrinos is 3 × 1053 ergs. We

use Fermi-Dirac neutrino spectra with η = 0 (see Eq. 2.18). We adopt nominal

temperatures Tνe , Tν̄e, and Tνx of 4, 5.33, and 8 MeV, respectively, where νx stands

for any heavy flavor. In addition, we also explore the temperature dependence

with a softer spectra with temperatures Tνe, Tν̄e , and Tνx of 3, 4, and 6 MeV,

respectively. Our nominal parameters are typical of earlier SN models (e.g., [62]).

The spectra at the He zone will be affected by oscillations resulting from the MSW

effect [63] (see Sec. 3.1.1) and collective oscillations [64]. For our calculations we

consider oscillations due to the MSW effect only. For such a case we have two

distinct possibilities: either a normal mass hierarchy or an inverted mass hierarchy.

As discussed in Sec. 3.1.1, for a normal hierarchy, almost all the νe oscillate to

a combination of νµ and ντ due to the δm2
13 mass splitting. As a result the

temperature of νe changes from 4 MeV to 8 MeV. The resonance density where

the level crossing occurs depends on the energy of the neutrinos (see Eq. 3.46).

For Tν = 8 MeV, the dominant contribution to the cross-section for Eq. 3.6 comes

from νe of energy about 60 MeV (see Fig. 3.2), which undergoes a level crossing

at a density of about 500 g/cc at the H resonance. This is well inside the outer

He zone. Consequently the rate for charged current reaction 4He(nue, e
−p)3He

(Eq. 3.6) increases by a factor of about 60 (see Eq. 3.13). This is extremely
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detrimental for the r-process since this results in an increase in the production

of 3He leading to a sharp decrease in neutron abundance due the the extremely

efficient 3He(n, p)3H (Eq. 3.3). On the other hand, for inverted mass hierarchy

almost all the ν̄e oscillates to a combination of ν̄µ and ν̄τ due to the δm2
13 mass

splitting. Again the neutrinos which dominantly contribute to 4He(ν̄e, e
+n)3H

(Eq. 3.7) have energies of about 60 MeV (see Fig. 3.3), which undergoe level

crossing at a density of about 500 g/cc due to the H resonance. Hence the rate

of 4He(ν̄e, e
+n)3H (Eq. 3.7) increases by a factor of about 60 (see Eq. 3.13). In

this case, the increased production of 3H does not interfere with the increase in

the the production of neutrons as 3H does not capture neutrons efficiently. Hence

the neutrons produced are essentially free and hence can be captured by 56Fe to

give a r-process. However, for an inverted hierarchy, a fraction cos2 θ12 ≈ 0.68

of νe oscillates to a combination of νµ and ντ at the L resonance which can

be detrimental for the r-process due to the production of 3He as in the case

of normal hierarchy. However, in this case νe which dominantly contribute to the

cross-section for 4He(nue, e
−p)3He (Eq. 3.6) have energies of about 60 MeV and

encounter the L resonance at a density of of about 15 g/cc. This is well beyond the

outer He shell and hence does not affect the nucleosynthesis in the He shell. Thus

for a successful r-process in the He shell the requirement of an inverted neutrino

mass hierarchy is critical. In our calculation we consider an inverted hierarchy

with full conversion of ν̄e ↔ ν̄x and neglect any νe ↔ ν̄x oscillations due to the

reasons mentioned above. In addition we also consider the case with no oscillation.

This would correspond to the situation where the neutrino level crossing is totally

non-adiabatic. The total neutral current neutrino rates for Eq. 3.1 and 3.2 and the
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charged current rates for 4He(nue, e
−p)3He (Eq. 3.6) and 4He(ν̄e, e

+n)3H (Eq. 3.7)

for two different neutrino spectra and for different oscillation scenarios are given

in Tab. 3.1 and Tab. 3.2. In computing the rates for reaction 4He(ν, ν
′

n)3He

(Eq. 3.1) and 4He(ν, ν
′

p)3H (Eq. 3.2, we have adopted branching ratios of 0.471

and 0.516, respectively.

Case Tνe , Tν̄e, Tνx (MeV) Oscillation Scenario
1 4, 5.33, 8 No oscillations
2 4, 5.33, 8 Full νe ↔ νx conversion
3 4, 5.33, 8 Full ν̄e ↔ ν̄x conversion
4 3, 4, 6 No oscillations
5 3, 4, 6 Full νe ↔ νx conversion
6 3, 4, 6 Full ν̄e ↔ ν̄x conversion

Table 3.1: Oscillation scenarios and neutrino spectra adopted for our calculations.

Case λNC
να,n(0) (s

−1) λNC
να,p(0) (s

−1) λCC
νeα,p(0) (s

−1) λCC
ν̄eα,n(0) (s

−1)

1 4.90× 10−7 5.38× 10−7 2.26× 10−8 1.09× 10−7

2 4.90× 10−7 5.38× 10−7 1.27× 10−6 1.09× 10−7

3 4.90× 10−7 5.38× 10−7 2.26× 10−8 1.01× 10−6

4 1.18× 10−7 1.62× 10−9 1.80× 10−8

5 1.08× 10−7 1.18× 10−7 2.86× 10−7 1.80× 10−8

6 1.08× 10−7 1.18× 10−7 1.62× 10−9 2.28× 10−7

Table 3.2: Neutrino reaction rates per 4He nuclei for the adopted luminosity (see
text). The rate for each reaction is λνα(t) = λνα(0)r

−2
10 exp(−t/τ ), where τ = 3 s.

We evaluated the nucleosynthesis for models u11–u75 and for various neutrino

oscillation scenarios. As an example of a successful r-process, we present detailed

results for zone 597 of u11, assuming an inverted ν mass hierarchy (IH, full ν̄e ↔ ν̄x

conversion). Zone parameters are r10 = 1.10, M = 2.43M⊙, ρ = 50.3 g/cm3, and

T8 = 0.848. The zone is nearly pure 4He: the initial mass fractions are X(4He)

≈ 1, X(12C) = 1.39×10−5, X(14N) = 1.35×10−6, X(16O) = 1.41×10−8, X(20Ne)
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= 2.48×10−7, X(24Mg) = 4.11×10−8, X(28Si) = 1.18×10−8, X(28S) = 3.80×10−9,

X(36Ar) = 7.52×10−10, X(40Ca) = 7.27×10−10, X(48Ti = 4.00×10−11, X(52Cr)

= 2.56× 10−10, and X(56Fe) = 3.12× 10−8. A big bang nucleosynthesis network

[65] was modified to follow the ECH mechanism, with neutral current (Eq. 3.1-

3.2) and charged current (Eq. 3.6-3.7) neutrino cross sections taken from Ref. [51]

(which agree well with those of Ref. [5]). This network can adequately cover nuclei

up to 16O. However, we note that the neutron capture cross-sections for nuclei

produced by neutron capture on 16O to 56Fe are similar to those of the latter

group. Thus, to account for the loss of neutrons due to capture by 16O to 56Fe

and their neutron-capture products, we used a constant loss rate corresponding

to the initial abundances of such nuclei. This amounts to introducing a nucleus

with an abundance of Yeff =
∑

A≥16 Yi with a neutron capture cross-section given

by

〈σv〉eff =
1

Yeff

∑

A≥16

Yi〈σv〉i = 3.187× 104 cm3/s/mole. (3.54)

Results displayed in Fig. 3.6, the number-fraction evolution with time t, can

be readily understood as follows:

• The extremely efficient 3He(n, p)3H (Eq. 3.3) immediately consumes all neu-

trons produced by the neutral current reaction ν(α, nν
′

)3He (Eq. 3.1). Thus,

each neutral current reaction yields one proton and one 3H. This is similar

to what was observed by ECH.

• The neutron-producing reaction 3H(3H,2n)4He (Eq. 3.4) proposed by ECH,

is inefficient. Instead, 3H is destroyed by abundant 4He via 3H(4He,γ)7Li
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(Eq. 3.5). Neutron restoration by

7Li +3 H → 24He + 2n (3.55)

is ineffective for the conditions of Fig. 3.6. Thus neutral current reactions

are extremely inefficient in producing neutrons.

• Neutron production is dominated by the charged current reaction 4He(ν̄e, e
+n)3H

(Eq. 3.7). This is because 3H which is produced along with a neutron does

not capture neutrons efficiently. Thus all the neutrons produced by reac-

tion 3.7 are essentially available for capture on the seeds.

• The principal neutron poisons are 7Li, 12C, and A ≥ 16 nuclei which compete

with 56Fe.

• Although protons are quite abundant, they are not a significant neutron

sink. This is because each neutron capture reaction

p + n →2 H+ γ (3.56)

is immediately followed by the efficient reaction

2H+3 H →4 He + n (3.57)

giving back the neutrons.

• Due to its small initial abundance, neutron capture by 14N is also negligible.
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The rate of the charged current reaction 4He(ν̄e, e
+n)3H per 4He nucleus is (see

Tab. 3.2)

λCC
ν̄eα(t) =

2.28× 10−7

r210 exp(t/τν)

(

Tν̄e

6 MeV

)k

s−1, (3.58)

where k ≈ 6.26 and ≈ 5.17 for Tν̄e = 4–6 and 6–8 MeV, respectively (see Eq. 3.13).

Based on the above discussion, Yn in Fig. 3.6 can be estimated from

Ẏn = λCC
ν̄eα(0)Yα exp(−t/τν)− λn,γYn(t), (3.59)

where λCC
ν̄eα(0) = 8.35 · 10−7/s for Tν̄e = 8 MeV (IH), Yα ≈ 1/4 is the number

fraction of 4He, and λn,γ ≈ 8.12× 10−2/s is the net rate of neutron capture on 7Li

(46.2%), 12C (21.9%), and A ≥ 16 nuclei (31.9%). We find, in good agreement

with Fig. 3.6,

Yn(t) =
λCC
ν̄eα(0)Yατν

1− λn,γτν
[exp(−λn,γt)− exp(−t/τν)]. (3.60)

The neutron number density nn = YnρNA in zone 597 of u11 is about 1019/cm3,

which is is sufficient to drive a r-process (see Fig. 3.8). The most effective seed is

56Fe as it is above the N = 28 closed neutron shell. The typical mass number of

r-elements produced at time t is roughly A ∼ 56 +Ncap(t), where

Ncap(t) =

∫ t

0

nn(t
′)〈vσn,γ(Fe)〉dt′ (3.61)

and where 〈vσn,γ(Fe)〉 is the rate coefficient for neutron capture on 56Fe. For

zone 597 we find Ncap(t) = 88 and 226 for t = 7 and 20 s, respectively. This
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corresponds to the shock arrival times for an explosion energy of E50 ∼ 10 (t = 7)

and E50 ∼ 1 (t = 20). We conclude, for weak explosions, that the r-process could

run to completion in the pre-shock phase. However, for strong explosions, the

beneficial effects of shock can also result in the r-process to reach A ∼ 195 (see

Sec. 3.2)

In order to perform the r-process calculation we used a large network called

Torch [66] that includes all of the relevant neutron capture, photo-disintegration,

and β-decay reactions. We used the neutron number density from the smaller

network described above as an input for Torch along with the abundances of a

particular He zone (zone 597 in this case) under hydrostatic conditions. This is a

good approximation before the arrival of the shock as discuued before. The yields

at t = 7, 10, 15, and 20 s are shown in Fig. 3.7 along with the scaled solar r-pattern

[2]. The range of times t = 7 − 20 s correspond to the shock arrival times at the

outer He shells for a explosion energies of E50 = 1− 10. At t = 7 s, the r-process

flow barely reaches the A ∼ 130 peak. Significant production of nuclei with

A > 130 occurs only for t > 10 s, and formation of a significant peak at A ∼ 195

requires t ∼ 20 s. These times are readily understood. The peaks at A ∼ 130 and

195 correspond to parent nuclei ∼ 130Cd and ∼ 195Tm with closed neutron shells

of N = 82 and 126. With 56Fe as the seed, 74 neutron-capture and 22 β-decay

reactions are required to reach 130Cd while 139 neutron-capture and 43 β-decay

reactions are required to reach 195Tm. Figure 3.9 shows the nuclei encountered

by the r-process flow for u11, zone 597 up to t = 20 s. It can be seen that the

r-process path lies much closer to the β-stability than the traditional r-process

scenario in the neutrino-driven wind (see Fig. 1.3). The reason is that although
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the neutron number density nn ∼ 1019/cm3 in the He shell is sufficient to drive the

r-process, it is comparable to the β-decay rate for the nuclei encountered during

the flow. This is contrast to the usual scenario of the r-process in the neutrino-

driven wind where the neutron capture rate is much higher than the β-decay rate

due to higher neutron density of nn & 1020/cm3. Also, the temperature in the He

shell is . 1×108K, where photo-disintegration is negligible. As a result the usual

(n, γ) ⇋ (γ, n) equilibrium in not realized. Thus in this scenario, the r-path is

governed by (n, γ)-β equilibrium and the rates for neutron capture and β decay

are comparable. For 〈vσn,γ(Fe)〉 of about 10−18 cm3/s and nn of about 1019/cm3,

the neutron-capture rate on 56Fe is ∼ 10/s. As this rate is typical along the r-

path, 130Cd and 195Tm will be reached in about 10 and 18 s. Thus lower explosion

energies are beneficial for the r-process at least in the pre-shock phase. However,

it is found that most of the free neutrons are still available even after t = 20 s. As

a result it is expected that after the arrival of the shock, these neutrons will be

absorbed by the seed nuclei so that the r-process flow reaches the A = 195 peak

independent of the explosion energy (see Sec. 3.2).

In addition to the u11 model, we examined the He zones in other progenitors.

For the IH case with Tν̄e = 8 MeV, neutron densities of of about 1018–1019/cm3

are produced in many zones of models u11–u16 and u49–u75. Conditions in u11–

u16 are similar to those of zone 597 of u11, but the u49–u75 zones are hotter and

denser with T8 of about 2–3 and ρ of about 200–600 g/cm3. Figure 3.8 shows nn(t)

for selected zones of u11, u15, u50, u60, and u75. A much higher rate of neutron

capture in u50, u60, and u75 leads to more rapid decline of nn(t). Substantial

r-yields are expected in the outer He zones of 11–16 and 49–75M⊙ stars with a
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metallicity of about 10−4 times the Sun. An r-process is not expected for stars

between 17 and 48M⊙ because the outer He zone has too much hydrogen, a

neutron poison.

Both nn(t) and the A > 56 yields decrease significantly with increasing progen-

itor metallicity [Fe/H]. In the scenarios studied here, r-process conditions are not

found beyond [Fe/H] & −3. Yet net neutron production by neutrinos is insensitive

to metallicity, depending only on SN explosion energy, ν̄e temperature, and shell

radius, so neutron capture continues on stable seeds like 56Fe, modestly increasing

the A > 56 yields. The net mass of heavy nuclei continues to be incremented by

about 10−8M⊙. The associated Galactic chemical evolution should be studied to

determine how the ν-driven mechanism might merge into other r-processes, such

as NSMs, that may only be viable for [Fe/H] & −2.5 [3].

3.2 Results Including Effects of Shock

In order to validate and extend our results to include the effects of shock, we use

the hydrodynamical code KEPLER [67–70] to simulate the nucleosynthesis both

before and after the passage of shock. We use the u11 model to test our previous

calculations for the pre-shock phase and verify our predictions for the post-shock

evolution. For this purpose we use explosion energies ranging from Eexpl = 1×1050

to 1 × 1051 ergs. As before, we consider the case with MSW oscillations with

inverted hierarchy with full ν̄e ↔ ν̄x conversion. We find that indeed the outer

He zones are the site for the modified ECH mechanism. The pre-shock evolution

in the outer He zones is similar to what we get in our previous calculations with
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Figure 3.10: Nucleosynthetic pattern after the passage of shock for model u11
with explosion energy of 1× 1050 ergs using KEPLER.
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KEPLER.
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the hydrostatic approximation. Before the arrival of the shock, the temperature

and density remains contstant in the outer He shells, which is consistent with

our previous calculations. The effect of shock is seen to be beneficial which is

consistent with our previous expectations. Figure 3.10 shows the final yield for

an explosion energy of 1 × 1050 ergs after the passage of shock. We find that the

r-process flow successfully reaches the A ∼ 195 peak.

The effect of shock is extremely beneficial as considerable r-process flow contin-

ues well after the passage of shock. In Ref. [50] it was speculated that a potentially

beneficial effect of the shock may come from neutrons released by reactions

13C +4 He →16 O+ n, (3.62)

17O+4 He →20 Ne + n, (3.63)

when shock heating raises the temperature to more than 5× 108K. The reasoning

was that since the rate for neutron producing reaction 4He(ν̄e, e
+n)3H (Eq. 3.7)

is higher due to the lower radius, 12C and 16O, which are the principal neutron

sinks in the inner He shell, can produce a lot of 13C and 16O. Although an increase

in the number of neutrons was observed due to shock heating, it was found that

most of it was recaptured by 12C and 16O. On the other hand, in the outer He

shell, most of the free neutrons produced by 4He(ν̄e, e
+n)3H (Eq. 3.7) are still

left after the pre-shock phase. These neutrons are efficiently absorbed by the

seeds due to the increase in the density resulting from the shock and subsequent

decrease on a time scale of ∼ τsh (see Sec. A). As a result the r-process continues

for about 50 − 60 s after the bounce for the entire range of explosion energies
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considered. The effect of shock is more apparent for higher explosion energies

where most of the r-process flow occurs after the passage of shock. Figure 3.11

shows the nucleosythesis pattern at two instants of time. One is at about 7 s

which corresponds to the instant just before the shock reaches the outer He shell,

whereas the other gives the nucleosynthetic yield well after the shock has gone

through the outer He shell. It is clear that the shock in this case plays a major

role in the r-process. The dependence of the r-process on the explosion energy

is found to be minimal. This is evident from the fact that, for explosion energies

ranging from 1×1050 ergs to 1×1051 ergs, the r-process flow reaches the A ∼ 195

peak.

It was observed that for a low explosion of 1 × 1050 ergs, about 140 of the

innermost zones experienced fallback onto the protoneutron star. Similarly, for an

explosion of 3 × 1050 ergs, about 35 of the innermost zones experienced fallback.

For both cases, these included all the zones where the Fe group elements are

produced from Si shell burning. While part of this infalling matter is expected

to be ejected by mixing with the outer zones, the exact amount which is finally

expelled depends on the details of mixing. However, the outer He zones where

the r-process takes place, are always ejected. Clearly, for lower explosion energies,

the r-process material (∆Mr ∼ 10−8M⊙) will be mixed with lesser amount of Fe

peak elements than for higher explosion energies.



Chapter 4

Discussion and Conclusion

We found that the charged current reaction of ν̄e with
4He plays a crucial role in the

ν-induced r-process presented here. The rate of this reaction is quite sensitive to

the ν̄e spectrum (see Eq. 3.13) and thus to both neutrino emission parameters and

flavor oscillations. For our adopted neutrino emission parameters, only nuclei with

A ∼ 70–80 can be produced in the outer He zone without oscillations. No r-process

nucleosynthesis occurs for the normal neutrino mass hierarchy (strong νe ↔ νx

conversion). If we lower Tνx from 8 to 6 MeV at emission, only nuclei with A ∼ 70–

80 can be produced even with full ν̄e ↔ ν̄x conversion (IH). Recent SN simulations

for 8.8–18M⊙ progenitors yielded significantly softer neutrino spectra at emission

than adopted above [71, 72]. In contrast, spectra similar to ours were obtained

for progenitors of about 40–50M⊙ which are associated with black-hole formation

[73]. Recent progress in SN modeling and in the nuclear microphysics governing

neutrino opacity is impressive and should encourage further efforts needed to

determine neutrino temperatures with small error bars. The effect of shock is

76
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beneficial and is in fact crucial for r-process in He shells. This was validated by

using the code KEPLER to perform a full hydrodynamic simulation including the

effect of shock. The timescale for the the r-process is about 50– 60 s.
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Figure 4.1: log ǫ(Eu) Vs [Fe/H] in r-process rich stars. Data taken from [7].
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The total yield of heavy r-elements from each SN is ∆Mr ∼ 10−8M⊙, compa-

rable to about 4 × 10−8M⊙ in the Sun. Abundances of heavy r-elements in MP

stars with [Fe/H] < −2.5 are ∼ 3 × 10−4–10−1 times those in the Sun [26]. At

least some of the r-enrichment in this range could be produced by a SN in the

early interstellar medium, but this process then turns off as progenitor metallicity

increases beyond [Fe/H] & −3.

Figure 4.1 shows the absolute amount of Eu (log ǫ(Eu)) as function of [Fe/H]

in r-process rich stars. Here log ǫ(Eu)≡ log(NEu/NH) + 12, where NEu and NH

are the number of atoms of Eu and H, respectively. A huge scatter in the amount

of Eu of up to a factor of 10−2.5 is seen for [Fe/H] . -2.4. This extremely metal

poor region is also where the the modified ECH mechanism will operate. Since

the site for this r-process is in the outer He shell, it is physically separated from

the Si shell where Fe group elements are produced by explosive burning. As a

result, for each SN event the amount of r-process material (∆Mr ∼ 10−8M⊙)

which gets mixed with the Fe group elements can vary depending on the mixing

between the two regions. Fallback of the inner zones containing all the Fe group

elements for lower explosion energies was observed. This can lead to interesting

consequences as far as the mixing between the r-process material and Fe group

elements is concerned.

In conclusion, we have explored one scenario for a cold r-process — the ν-driven

He-shell mechanism — as a counterpoint to more conventional high-temperature

SN r-process mechanisms that typically run into problems of seed overgrowth.

This r-process is cold in the sense that the typical temperature in the outer He

zones is about 1×108 K where photo-disintegration is unimportant. It is also much
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slower than usually envisioned scenario of r-process in the neutrino-driven wind

(see Sec. 2.2) The ν-induced mechanism is intriguing because it can be evaluated

quantitatively in realistic progenitors, and because it is remarkably sensitive to

new ν physics. The mechanism could be part of a multiple-r-process explanation

of Galactic chemistry.
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Appendix A

Shock Dynamics

In this appendix we discuss the dynamical evolution of as the shock propagates

outwards in during a supernova explosion. The shock front is characterized by

a jump in ρ, u, and T at the shock front. Let us consider two regions 1 and

2 separated by such a shock front. Here we use the subscript 1 and 2 to denote

quantities in region 1 and 2, respectively. In this case the shock is moving towards

right and hence region 1 is just behind the shock, whereas region 2 is just ahead

of the shock. Since shock arrival time in the outer He shells is much less that the

gravitational timescale, to zeroth order we can assume that density ρ, velocity

u, pressure P , and temperature T do not depend on time explicitly. This means

that the partial derivative of these quantities with respect to time is zero. The

situation can be studied applying 1-dimensional Euler equations to regions 1 and

2. However, it is easier to analyze the situation in the frame co-moving with the

shock. In this frame the requirement of continuity gives us
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Figure A.1: Schematic diagram of region 1 and region 2 separated by a shock
front moving to the left.

∂ρ

∂t
+

∂(ρu)

∂t
= 0. (A.1)

Since ∂ρ/∂t = 0 for regions 1 and 2, we get

ρ1u1 = ρ2u2. (A.2)

on the other hand conservation of momentum requires

ρ

(

∂u

∂t
+ u

∂u

∂x

)

+
∂P

∂x
= 0. (A.3)

As ∂u/∂t = 0 and ρu is constant for regions 1 and 2, we get

ρ1u
2
1 + P1 = ρ2u

2
2 + P2. (A.4)
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Lastly, conservation of energy requires

∂E
∂t

+
∂(u(E + p))

∂x
, (A.5)

where the total energy is related to the internal energy by E = ρǫ + 1/2ρu2.

Assuming no explicit dependence on time the above equation reduces to

∂

∂x
[ρu(ǫ+ 1/2u2 + P/ρ)] = 0. (A.6)

Since ∂(ρu)
∂x

= 0, we get

ǫ+
1

2
u2 +

P

ρ
= 0, (A.7)

which for regions 1 and 2 give

ǫ1 +
1

2
u2
1 +

P1

ρ1
= ǫ2 +

1

2
u2
2 +

P2

ρ2
. (A.8)

Combining Eq. A.2, A.4, A.8 and using the equation of state P = (γ− 1)ρǫ, after

some algebra we get

u2

u1
=

ρ1
ρ2

=

γ1+1
γ1−1

+ P2

P1

1 + P2

P1

γ2+1
γ2−1

, (A.9)

where γ1 and γ2 are the adiabatic indices in region 1 and 2. Assuming P1 >> P2,

we get

u2

u1
=

ρ1
ρ2

=
γ1 + 1

γ1 − 1
. (A.10)
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Similarly, the pressure behind the shock in this approximation is given by

P1 =
ρ1
ρ2

=
2

γ1 + 1
ρ2u

2
2. (A.11)

In the lab frame we use subscript “p” to denote quantities in region 1 behind the

shock, and drop the subscript ”2” for the unshocked region 2. Assuming that the

velocity before the arrival of the shock is negligible in the lab frame, we have

u2 = vsh, (A.12)

u1 = vsh − vp. (A.13)

Substituting this into Eq. A.10 and A.11 we get

ρp
ρ

=
vsh

vsh − vp
, (A.14)

vp =
2

γp + 1
vsh, (A.15)

Pp =
2

γp + 1
ρv2sh, (A.16)

Furthermore, if the pressure behind the shock is dominated by radiation, i.e,

γ1 = 4/3 then Eq. A.9 gives

ρp = 7ρ, (A.17)

vp =
6

7
vsh, (A.18)

Pp =
arad
3

T 4
p =

6

7
ρv2sh. (A.19)
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The above equation in combination with Eq. 3.51 gives

Tp = 2.91× 108K

(

ρ

100g cm−3

)1/4 (
Menc

Menc −MNS

)1/4

E
1/4
50 , (A.20)

Menc ∼ 2.4–33M⊙ is the mass enclosed when the shock is at radius r, and E50 is

the explosion energy in units of 1050 ergs. It is ofter more convenient to estimate

Tp in terms of radius. This can be done by assuming a uniform energy density

u = E/Venc behind the shock, where Venc is the volume behind the shock, Thus if

the region behind the shock is radiation dominated then u = aradT
4
p . This gives

Tp = 2.37× 108E
1/4
50 r

−3/4
10 , (A.21)

r10 is r in units of 1010 cm.

After the arrival of the shock, the density and temperature changes as a func-

tion of time due to expansion. Let us consider a mass element δm contained in a

layer of initial thickness δr between radius r and r + δr just before the arrival of

the shock. Let “∼ ” to signify the quantities after passage of the shock. We set

t = 0 to be the time when the shock hits the layer. Thus quantities with subscript

“p” denote the values of quantities with subscript “∼” at t = 0. Before the arrival

of the shock we have

δm = ρdV = 4πr2ρδr, (A.22)

where dV = 4πr2δr is the initial volume of the layer. As the shock hits the inner

side of the layer, the inner side moves with a velocity vp, while the outer side

remains at rest. Let δt be the time the shock takes to reach the outer side of this
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Figure A.2: Evolution of a mass element after the passage of shock.
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layer. Then we have

δr = vshδt. (A.23)

By this time the inner side of the layer has moved by a distance vpδt. Thus the

layer gets compressed to a thickness

δr̃(t = 0) = (vsh − vp)δt. (A.24)

After this the thickness of the layer remains the same i.e, δr̃(t) = δr̃(t = 0) = δr̃,

as the layer moves of a velocity vp. Thus the radius of the layer at time t is given

by

r̃(t) = r + vpt = r(1 + t/τ), (A.25)

where τ = r/vp. As a result the volume of the layer evolves as

dṼ (t) = 4πr̃2(t)δr̃ = 4πr2(1 + t/τ)2δr̃. (A.26)

The situation is depicted in Fig. A.2. Combining the above equation with Eq. A.22, A.23,

and A.24, the density at a time t can be expressed as

ρ̃(t) =
δm

dṼ (t)
=

vsh
vsh − vp

ρ

(1 + t/τ)2
(A.27)

Further using Eq. A.14 we get

ρ̃(t) =
ρ̃(0)

(1 + t/τ)2
, (A.28)
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where we have used ρ̃(0) = ρp. The evolution of temperature can be estimated by

assuming that the entropy in post-shock region is dominated by radiation during

expansion. Under such an approximation, the entropy per nucleon is given by

S =
4

3

aradT̃
3

kNAρ̃
= constant. (A.29)

Thus the temperature at a time t is given by

T̃ (t) =

(

ρ̃(t)

ρ̃(0)

)1/3

T̃ (0) =
Tp

(1 + t/τ)2/3
, (A.30)

where we have used ρ̃(0) = ρp and T̃ (0) = Tp.
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